Orbits of close-in planets can shrink significantly due to dissipation of tidal energy in a host star. This process can result in star-planet coalescence within the Galactic lifetime. In some cases, such events can be accompanied by an optical or/and UV/Xray transient. Potentially, these outbursts can be observed in near future with new facilities such as LSST from distances about few Mpc. We use a population synthesis model to study this process and derive the rate of star-planet mergers of different types. Mostly, planets are absorbed by red giants. However, these events, happening with the rate about 3 per year, mostly do not produce detectable transients. The rate of mergers with main sequence stars depend on the effectiveness of tidal dissipation; for reasonable values of stellar tidal quality factor, such events happen in a Milky Way-like galaxy approximately once in 70 yrs or more rarely. This rate is dominated by planets with low masses. Such events do not produce bright transients having maximum luminosities 10 36.5 erg s −1 . Brighter events, related to massive planets, with maximum luminosity ∼ 10 37.5 -10 38 erg s −1 , have the rate nearly five times smaller.
INTRODUCTION
Exoplanetary studies are just about 25 years old. However, already several thousand of planets are known and a huge number of candidates exists. 1 Modern observations and their analysis suggest that majority of stars have planetary systems (see e.g. Winn & Fabrycky 2015; Traub 2016; ForemanMackey et al. 2016; Bryan et al. 2016; Bowler & Nielsen 2018; Winn 2018; Hsu et al. 2019 and references therein). Many efforts are made to advance our understanding of formation, life, and death of planetary systems. In the aftermath of turbulent early years, in most of the systems planetary orbits usually become more or less stable for a long period of time. However, secular changes of orbital parameters can go on due to several processes: planet-planet interactions, influence of stellar binary components, near-by passages of stars, etc.
Some of planets, including massive ones, can appear close to their hosts mainly due to migration in protoplanetary discs (see a review in Kley 2019; Paardekooper & Johansen 2018 , and references therein). Through their lifetime planets with smaller orbits can intensively interact with stars, mostly due to tides (Mazeh 2008; Jackson et al. 2008; Ogilvie 2014; Chernov et al. 2017; Rao et al. 2018; Benbakoura et al. 2019) . Often this results in orbit shrinking and sometimes in infall of a planet onto its host star (Teitler & Königl 2014; Matsakos & Königl 2015; Metzger et al. 2017) . This can influence stellar composition (see Jia & Spruit 2018 and references therein) and spin (Qureshi et al. 2018 ). However, even on a wider orbits at some point a planet can start to interact with the star (Rao et al. 2018) . After a star leaves the main sequence, planets can be swallowed and digested by the red giant (see Retter & Marom 2003; Villaver & Livio 2007 ; Rodrigues da Silva et al. 2015; Privitera et al. 2016b and a review in Veras 2016 ).
Statistics of planet-star interaction and its outcomes are interesting even by themselves as they are related to shaping observed distributions of planets in semi-major axes, eccentricities, and some other parameters. Furthermore, later stages of infall of a planet onto a main sequence star can be accompanied by significant energy release. Such transients can be observed with large telescopes even at Mpc distances. Metzger et al. (2012) calculated energy release for different kinds of planet-star interactions and estimated the rate of such events. These authors estimated the rate of mergers of massive planets with main sequence stars as 0.1-1 per year per galaxy. In this paper we aim to advance these estimates using a more detailed model based on population synthesis approach.
The paper is structured as follows. In the next section we describe the model we use. In Sec. 3 we present our results on the rates of planet-star coalescence. Discussion is given in Sec. 4, and we summarize our results in Sec. 5.
MODEL
In this section we describe the model we use and our assumptions about properties of stars, planets, and interaction between them. We start with the description of the evolution of individual star-planet systems. Then different types of final stages of planet-star interactions are discussed. After that we present our assumptions about planetary properties (masses, semi-major axes, densities, etc.). Finally, we describe the code we used to perform the population synthesis.
Star-Planet System Evolution
In our simulation, we consider two processes that may lead to planet-star coalescence: tidal evolution and expansion of the host star.
In a general case, tidal deformation of both star and planet leads to energy dissipation and changes in orbital parameters. The efficiency of dissipation is usually characterized by the tidal quality factor, which is proportional to the maximum energy E 0 stored in the tidal deformation divided by the energy lost in one cycle (Goldreich & Soter 1966) :
It is useful to introduce the modified tidal quality factor
where k is the second-order potential Love number of a star. Q is equal to Q for an isotropic fluid body, for which k = 3/2. The evolution of the semi-major axis a of a planet due to tidal dissipation within the host star is described by the following formula :
where n is the mean orbital motion, M , R , Q are the mass, radius, and modified tidal quality factor of the star, M p is the mass of the planet, P orb and P rot are the periods of orbital motion and stellar rotation, correspondingly. This equation can be rewritten as
where a sync is the radius of the star-synchronous orbit. Throughout the paper, we assume that orbits of all planets are circular 2 and their spin period is equal to the orbital one. For these reasons, we neglect the tidal dissipation within the planet. Thus, in order to characterize the tidal evolution of a star-planet system with a given masses in this framework, one needs to know the values of Q and the evolution of R and P rot (or, in other terms, a sync ).
Since there is a wide diversity of mechanisms leading to the tidal dissipation, the tidal quality factor depends in a complex way on the key parameters of the system: orbital period, masses and radii of the star and the planet, etc. However, some statistical properties of exoplanets can be well reproduced using the same value of the tidal quality factor for all systems. For example, Jackson et al. (2008) explained variations of the eccentricity distribution with semi-major axis by tidal damping of eccentricity of close-in planets. The best agreement of their model with observations is achieved with the stellar quality factor Q = 10 5.5 . At the same time, many other authors (e. g. Penev et al. 2012 ) constrain Q to the values > 10 7 . In order to investigate the relation between the merger rate and the tidal quality factor, we perform our calculations for a set of log Q = 5.5, 6.0, 6.5, 7.0, 7.5, and 8.0. The value of Q is assumed to be constant during the main sequence (MS) phase. When a star leaves the MS, its Q is switched to 10 5.5 independently of its mass. A value close to this was obtained by Weinberg et al. (2017) for the subgiant WASP-12. Note also, that during the post-MS evolution the main reason of planet engulfment is stellar expansion, not tides, so the value of Q on this stage is less important (see, however, Villaver & Livio 2009; Schlaufman & Winn 2013) .
The second ingredient of the system evolution is evolution of the stellar radius. For a star with a given mass and given age the radius is calculated in our code by interpolation of the grid of PARSEC (PAdova and TRieste Stellar Evolution Code) evolutionary tracks (Bressan et al. 2012; Chen et al. 2014) for the solar metallicity Z = 0.02.
Thirdly, the rotation period of a star determines the sign of the orbital radius derivative and also has an influence on its value. The rotational evolution of stars is still a debatable issue (see e. g. Garraffo et al. 2018) . To date there is no commonly accepted theory that explains the change of stellar rotation periods. So we use a relatively simple approach based on the following considerations. Low-mass stars with convective envelopes undergo significant slowdown during the main sequence phase due to angular momentum loss via magnetized stellar wind. More massive stars have radiative envelopes, thus their winds are relatively inefficient in terms of angular momentum losses (except very massive stars), and so their rotation periods do not change significantly (see e. g. Table 1 in Meynet & Maeder 2000) . Thus, we use two different approaches for these two classes of stars.
If the stellar mass is less than 1.25M , then on the zero-age main sequence (ZAMS) we set its spin period to 2.5P rot,cr , where
2 See the discussion on this assumption in subsection 4.7.
I. e., the rotation velocity at stellar equator is 0.4 of the critical velocity, as in Ekström et al. (2012) (of course, this is a necessary simplification; initial spin periods can be influenced by several agents, including planets, see Gallet et al. 2018) . During the MS stage rotational evolution is described by the following equation (Barnes 2010) :
where k I = 452 Myr day −1 and k C = 0.646 days Myr −1 are numerically calculated coefficients, and τ c is the convective turnover timescale. We interpolate the tabulated values of τ c from Barnes & Kim (2010) . These values are in a good agreement with more recent calculations of Matt et al. (2011) . The turnover timescale remains practically constant during the MS phase, as shown by Kim & Demarque 1996 (see their Fig. 3 ).
For stars more massive than 1.25M we calculate the spin period in a different way. We use a correlation between stellar angular momentum and its mass, based on the results by Kawaler (1987) and Paz-Chinchón et al. (2015) :
The spin period is then calculated using the relations:
where Ω rot is the angular speed of stellar rotation, I is the stellar moment of inertia, and we assume that the star is a homogeneous, uniformly rotating sphere. For these stars (M > 1.25M ) the spin period is calculated at the ZAMS and does not change with time. The plot of a sync for the whole range of stellar masses used in the simulation is shown in Figure 1 . Metzger et al. (2012) classified possible planet-star interactions into three main categories. Here we follow this approach. Correspondingly, we accept the luminosity estimates provided by these authors.
Types of mergers and their luminosities
The outcome of interaction mainly depends on the ratio of average densities of the star,ρ , and the planet,ρ p .
If the planet has lower density than the star then mass transfer is stable, and so it proceeds on a long time scale. This situation might not result in a significant luminosity enhancement. Below we use the term stable accretion for this case.
In the range of relative densities 1 ρ p /ρ 5 tidal forces destroy the planet. This is tidal disruption. Thus, on a dynamical timescale the whole planet is transformed into an accretion disk. As a result, the accretion rate is superEddington and a significant optical transient with luminosity L ∼ 10 37 -10 38 erg s −1 can appear for a time period from weeks to months.
Finally, when the planet is very dense with respect to the star -ρ p /ρ 5, -it merges with the star without 
where a t ≈ 2R (ρ /ρ p ) 1/3 is the Roche limit, X t ≈ 0.7(M p /M ) 1/3 a t is the distance between the center of the planet and the Lagrangian point L 1 , andρ ,ρ p are the mean densities of the star and the planet, correspondingly. In this case, according to Metzger et al. (2012) , at first a transient visible in extreme UV or/and soft X-rays is formed with a peak luminosity 10 36 ergs s −1 . Then, weeks or months later an optical transient with L ∼ 10 37 -10 38 ergs s −1 might be visible. Duration of the optical flare is about few days.
We assume the following equations for the peak luminosity of optical transients:
for a direct impact and
for a tidal disruption. Here M , R are the mass and radius of the star, M p -mass of the planet, σ -Stefan-Boltzmann constant, T rec = 6000 K -the recombination temperature of hydrogen, m p -proton mass, and Ry=13.6 eV. In both equations it is assumed that the star is on the main sequence. Equation (10) was derived by Metzger et al. (2012) , while equation (11) is a fit to their numerical results. At the post-MS evolutionary stages, when most of planet-star mergers occur, practically all of them belong to the direct impact class due to low average stellar density. Their luminosity must be smaller then in the case of the host star on the main sequence, because both the density of Table 1 . Note, that the group III is not numerous, but covers a wide range of parameters.
the outer layers of the star and the velocity of the perturbing planet are smaller. We estimate the upper limit of the luminosity of such events as the minimum of two quantities: L peak,di given above and
taken from MacLeod et al. (2018) . Here R p is the planetary radius, C d = 1 is a dimensionless drag coefficient, η = 0.1 is the ratio of the stellar envelope density to the average density of the entire star.
Initial distribution in the
Initial distribution of planets in semi-major axis, a 0 , and mass, M p , is one of the most important ingredients of our model. Selection effects do not allow to derive a precise a 0 − M p distribution from observations for the whole range of parameters. Thus, in our simulation we choose a different approach. We start with results of population synthesis by Alibert et al. (2013) (see their Fig. 5 ). We select several representative groups of planets in the a 0 − M p plane and fit each of these groups by an analytical distribution. We use the following distributions:
• Two-dimensional uniform distribution (in logarithmic scale).
• Two-dimensional log-normal distribution. This is the 7.9 ζ M = ln 500 σ a = 0.9 σ M = 1.0
II
Bivariate Gaussian in log ζ a = log 0.5
product of two one-dimensional distributions with probability density function
where ζ and σ are the parameters of the distribution.
• Bivariate Gaussian distribution in log scale:
where we denote φ = log x − ζ x , ψ = log y − ζ y for brevity (note that here we use the decimal logarithm instead of the natural logarithm in the log-normal distribution). Five parameters define this distribution: ζ x , ζ y , σ x , σ y , and ρ; the latter is the correlation coefficient.
Parameters for each group are given in Table 1 , and the resulting distribution is shown in Figure 2 . Tidal evolution is not important for distant planets (a 0.1 au). Also, planets with large semi-major axis cannot be consumed by red giants (a few au). So, we do not fit planets from Alibert et al. (2013) value can vary). For the maximum planetary mass we adopt a conventional value of 13 Jupiter masses.
The most important class of planets from the point of view of bright flares due to mergers is represented by socalled hot jupiters, i.e. gas giants with short orbital periods. According to Wright et al. (2012) , the occurrence rate of hot jupiters with mass larger than 0.1M Jup and period less than 10 days is 1.2 ± 0.4 %. This estimates in confirmed also my more recent studies (Bowler & Nielsen 2018; Santerne 2018) . Our distribution provides the occurrence rate of such planets within this range.
We assume that the distribution of planetary mass and initial orbital radius has the same form for stars of any mass, varying only the number of planets in a system (eq. 16). We discuss this assumption below in subsection 4.4.
Properties of Planets and Systems
To calculate the output of a planet-star interaction, in addition to the mass and initial orbital radius of the planet one should know its density. We calculate the planetary density according to:
In the first two cases (M p ≤ 200M ⊕ ) functional dependences are taken from Laughlin & Lissauer (2015) . For larger masses we fit the data from the Exoplanets Data Explorer database 3 (see Figure 3 ). Some properties of planetary systems in our model are set by the mass of the host star. They include the number of planets in the system n pl and the protoplanetary disk lifetime t disk (see subsection 2.6 for the role these parameters play in 3 http://exoplanets.org/, see Schneider et al. (2011) . the simulation). For the first one, we construct the following relations, based on discussion by Alibert et al. (2011) :
where n pl (M ) = 4 is the number of planets in the range of semi-major axes 0.04 au ≤ a ≤ 2 au in the Solar system (namely, Mercury, Venus, Earth and Mars). For t disk we use a value of 10 Myr as a conservative upper estimate (e. g. Hernández et al. (2007) found that the fraction of stars with protoplanetary disk falls to practically zero at 10 Myr age). For stars with M ≥ 1.5 M , we adopt the inverse square root dependence on stellar mass following Alibert et al. (2011) :
Stellar Initial Mass Function and Star Formation History
To calculate the rate of coalescences in a galaxy 4 basing on behavior of individual planetary systems, one needs information about properties of galactic stellar population. In our model we neglect variations of metallicity, i.e. we use a single value Z = 0.02. Thus, we need to specify just the number of stars (depending on their ages) and their mass distribution. We adopt stellar initial mass function (IMF) from Kroupa (2001):
and set the range of stellar mass from 0.09 to 14 M . More massive stars live too short to allow planet formation and evolution. We assume that the IMF does not change, but the star formation rate (SFR) depends on time:
τ ≤ 7 × 10 9 yr 0, 7 × 10 9 yr < τ ≤ 9.5 × 10 9 yr 10 M /yr, 9.5 × 10 9 yr < τ ≤ 12.5 × 10 9 yr
Here τ is lookback Galactic time (τ = 0 corresponds to the present epoch). This is a simplified form of star formation history presented in Haywood et al. (2016) .
Description of the Code
The model described above is used as a part of population synthesis code. Here we briefly describe it.
We assume that planet-planet interactions do not play significant role in the orbital evolution. This allows us to consider evolution of each planet independently. By MonteCarlo method, N = 10 7 star-planet pairs are generated. In our model, such pairs are characterized by three initial parameters: M , M p , a 0 . Masses and initial semi-major axes of planets are generated using the distribution described in subsection 2.3. Stellar masses are distributed according to the IMF from eq. (18) multiplied by the function n pl (M ), eq. (16). This reflects the fact that in our treatment every star should appear in several iterations the number of which is proportional to n pl for this particular star (this mimics multi-planetary systems in which each planet can be treated separately).
To calculate the effective number of stars N , corresponding to N iterations, we set the weight 1/n pl for each iteration:
For each generated star-planet pair its evolution is followed. The tidal migration starts at the system age equal to the maximum of two times: the beginning of the main sequence stage of the host star and the protoplanetary disk dissipation time t disk (we do not model the pre-main sequence evolution and use the parameters on the zero-age main sequence as initial conditions). After calculation of the system evolution, the program determines whether a coalescence occurs in the pair. If yes -then its time, type, evolutionary stage of the star, and (if the coalescence produces a transient) the peak luminosity are added to the collected statistics of events. A merger is regarded as occurred if the orbital radius of the planet becomes smaller than the limiting value a lim . If the condition (9) is satisfied then a lim = R and a direct impact happens; else, we have a lim = a t and so a tidal disruption or stable accretion takes place. The latter two types are distinguished by the ratio of planetary and stellar mean density as described in subsection 2.2. Based on calculations for N systems, the probability distribution of mergers in age p(t) is calculated. It is equal to the number of mergers in a sample during a small time interval, divided by the duration of the interval and by the effective number of stars, N , in the sample. Then total coalescence rate in the Galaxy is computed by summing contributions from stellar populations of different ages according to the galactic star formation history SFR (in units stars per year) weighted by p(t):
One may calculate p(t) for a selected type of mergers as well as for all of them, and so to derive rates of different phenomena.
RESULTS

Evolution of a Single Planet
At first, we present examples of orbital evolution calculated using our model for different initial conditions (Figures 4-6 
and a Jupiter-mass planet in Fig 6) . Types of mergers are indicated in the corresponding plots. Note, that for a low-mass star (red dwarf) a planet might be massive enough (several Jupiter masses) to coalesce within the Galactic lifetime even for the lowest tidal quality factor Q = 10 5.5 . This is one of the reasons why we do not expect to have many mergers of rocky and icy planets with red dwarfs.
Probability Distribution of Mergers
In this section, we present the statistics of outcomes of N simulated star-planet pairs evolution. For N = 10 7 the corresponding value of effective number of stars N ≈ 6.72 × 10 6 . That is, the average occurrence of planets in our model is approximately 1.5 planets per star. This is caused by prevalence of low-mass stars, which have less planets according to our assumptions.
For our study, the most important property of the sample of star-planet pairs is the distribution of mergers in time since the formation of the systems (i.e., a system's age at the moment of coalescence). There are three types of mergers that lead to observable transients: direct impacts during the main sequence and post-main sequence stages and tidal disruptions at the main sequence stage.
For direct impacts and tidal disruptions during the main sequence stage the temporal distributions are shown in Figure 7 . For direct impacts, results for three values of Q are presented; for TD, only the curve for the minimal Q is plotted, because in case of higher Q the values of p are too uncertain. Results in Fig. 7 correspond to a population of stars with the IMF specified above born simultaneously in a single star formation burst. Each curve represents the probability of coalescence (direct impact or tidal disruption) for . Tidal evolution of Jupiter-mass planets around stars of different masses (solid lines) for log Q = 5.5 during the whole lifetime of the host star. Stellar radii are plotted by dashed lines, and Roche limits (a t ) for each star-planet pair -by dotted lines. Each curve is marked by a corresponding stellar mass in solar mass units. All the curves for each pair begin at the moment of the beginning of the planet migration (see subsection 2.6) and are terminated at the moment of merger. Near each merger point its type is indicated (SA -stable accretion, TD -tidal disruption).
an average star in this population at a given time. In other words, this is the coalescence rate (of each type) per star. Curves at large ages are distorted by statistical noise. One can see that the distribution peaks at ages about few × 10 7 years and decreases by orders of magnitude in ∼ 10 9 years. It means that young systems make the most significant contribution to the rate of mergers with main sequence stars. To calculate this rate, one needs to know accurately the star formation history just during past billion years or so. The feature of the curves for direct impacts is that the rate at ages less than about 50 million years is very weakly affected by the change of Q . This is an evidence that most of the mergers occurring in first tens million years after star formation have non-tidal nature. These mergers are ingestions of the innermost planets in the process of the host star expansion at the main sequence stage. We will demonstrate it below.
The temporal distribution for direct impacts at postmain sequence stages (not shown in Fig. 7 ) has a maximum at system age ∼ 3 × 10 7 years; the peak value is an order of magnitude higher than for direct impacts on main sequence. After maximum, it decreases approximately by power law with an index about −0.8. That means, the rate of planet engulfment during post-main sequence stages is orders of magnitude higher than the rate of planet-star mergers during the main sequence stage, which is expected also from general considerations. The relative contributions of different types of coalescences to the observable transients statistics is discussed in the following sections.
As well as the age distribution of mergers, the relation between their probability and the initial system parameters is worth a discussion. Fig. 8 shows a distribution similar to the one in Fig. 2 , but only for planets which merge with their host stars during the main sequence phase at ages less than the Galactic age if log Q = 5.5. 5 This diagram demonstrates that, firstly, only planets with a 0.1 au satisfy these conditions (note that horizontal axis scales in Figures 2 and 8 are different). Secondly, direct impacts dominate among lowmass planets, and practically all mergers of other types occur with hot jupiters. This is an imprint of our model of planetary density: low-mass planets (rocky and icy) have higher density than gas giants and rarely fill their Roche lobe above the stellar surface. The probability distribution of mergers in the third system parameter, the mass of the host star, is shown in Figure 9 (again only mergers during the main sequence phase are considered). Comparing the plots for different values of the tidal quality factor, one can see that while the number of mergers with intermediate mass stars decreases dramatically with the increase of Q , the number of mergers with stars of mass 6M practically does not change. That is, the large number of non-tidal direct impacts with main sequence host stars in first few tens million years after systems formation, which is seen in Figure 7 , is related to the most massive stars in our simulation, accounting for less than 1% of the stellar population. These stars expand significantly during their main sequence stage, ingesting close-in planets. We discuss this in details in subsection 4.4.
Mergers in Milky Way Equivalent Galaxy
We calculate the rate of planet-star coalescences in the Milky Way (or other galaxy with the same mass and star-formation history). The results for each of three merger types are shown in Table 2 , including rates of mergers during stellar main sequence phase, after it and in total. All the rates are calculated for a set of stellar Q .
As was already mentioned, potentially observable mergers are direct impacts and, if the host star is on the main sequence, tidal disruptions. The distribution of these transients in luminosity is plotted in Fig. 10 .
For direct impacts with main sequence stars, one can see three peaks of the luminosity distribution. This corresponds to the shape of nearby planets mass distribution, which has also three peaks (it can be seen in Fig. 8 ). Most probable events have luminosity of corresponding optical transients about 10 35.5 erg s −1 . This peak of the distribution, which looks practically the same for different Q , corresponds to already mentioned ingestions of close-in planets by expanding massive main sequence stars. The less pronounced peaks at 10 36.5 erg s −1 and at 10 37.5 −10 38 erg s −1 are formed by the mergers caused mostly by tides; their rate drops off significantly with increasing of Q . The latter peak corresponds to the case considered by Metzger et al. (2012) -a coalescence of a jupiter-mass planet with its host star. The Galactic rate of such events in our simulation varies from ≈ 10 −4 yr −1 for log Q = 8.0 to ≈ 2 × 10 −3 yr −1 for log Q = 5.5 (here only direct impacts are counted). As was already mentioned, Metzger et al. (2012) calculated that such mergers lead not only to optical transients, but also are preceded by extremely UV/soft X-ray emission with luminosity 10 36 erg s −1 .
As for tidal disruptions, they occur with planets within smaller mass range and hence have smaller luminosity dispersion. The luminosity distribution of them peaks on ∼ 10 37 − 10 37.5 erg s −1 . Their rate depends strongly on the stellar tidal quality factor. For main sequence host stars, it is about 2 × 10 −3 yr −1 for log Q = 5.5, and for high Q it is negligibly small.
In Figure 10 , the luminosity distribution for mergers of planets with post-main sequence stars is also presented (lower right plot). The rate of such events is orders of magnitude higher than for the mergers during the main sequence stage, however, the distribution peaks at much lower luminosities (10 32 − 10 33 erg s −1 ). At higher luminosities, the distribution matches the distribution of the masses of close-in planets, as in the case of a host star on the main sequence.
The rates of mergers leading to transients with luminosity higher than 10 37 erg s −1 , regardless of their type, are listed in the last column of Table 2 . Our results show that such transients occur in a Milky Way equivalent galaxy approximately once in 80 years. The rates of bright transients are dominated by mergers with post-MS stars. Note, however, that the luminosity of such events in our simulation is highly uncertain and may be overestimated (see discussion in subsection 4.6). Taking into consideration only mergers with main sequence hosts, we obtain one event in 300 to 10,000 years, depending on the stellar tidal quality factor.
DISCUSSION
In this section we discuss the possibility of observational tests of our results, compare them with previous works and dwell on the sources of uncertainties in our calculations.
Possibility of Observations
Taking into account the luminosities and rates of studied events, it is likely that interstellar extinction would prevent to observe them in the Milky Way. Thus, to detect them, a deep survey of nearby galaxies is needed. 6 Such a survey is expected to be made next decade by Large Synoptic Survey Telescope (LSST).
The maximum luminosity of planet-star mergers is ∼ 10 38 erg s −1 , so absolute magnitude equals to ≈ −6 m . It corresponds to apparent magnitudes +19 m at the distance 1 Mpc and +24 m at the distance 10 Mpc. According to Metzger et al. (2012) , the merger emission's effective temperature is about 5000-7000 K. It corresponds to the LSST g-band. The limiting magnitude in this band is planned to be equal to +24.8 m for point sources 7 (the limit might become more stringent as the source would be observed with a galaxy as a background). Hence, LSST will be able to detect mergers in galaxies at a few Mpc distances.
The rates above are calculated for the Milky Way, so they might be different for other galaxies. In a particular case of star formation rate independent on time, from eq. (21) we obtain:
Here SFR is again in units of stars per year, P(t) is cumulative probability distribution function of mergers in system's age, which is equal to the ratio of the mergers happened until time t to the effective number of systems in the population. This equation is also applicable, if SFR is stable on timescales larger than the timescale of p(t) decay, which is approximately 2-3 Gyr. Let us denote the limit of P(t) at t → ∞ as P ∞ . If we again consider only mergers with main sequence stars, for direct impacts P ∞ = 2.0 × 10 −3 and for tidal disruptions P ∞ = 3.2 × 10 −4 (in case of Q = 10 5.5 ; for larger Q , these values are smaller). Thus for galaxies with constant SFR on large timescales we derive an estimate:
for direct impacts and
for tidal disruptions. Here SFR is in units stars per year. The average mass of stars in our population (with Kroupa IMF) is approximately 0.5M . Thus, for the Milky Way we obtain n di = 1.2 × 10 −2 yr −1 and n td = 1.9 × 10 −3 yr −1 , which are very close to calculated numerically for the same Q = 10 5.5 . Thus, the higher is SFR -the more promising is the galaxy for a search of planet-star mergers.
Let us consider also the case of a recent powerful starformation outburst in a galaxy. There should be a lot of coalescences in it because the probability distribution has maximum at ages about few × 10 7 years. E.g., an outburst with SFR=10 M yr −1 and duration of 50 million years creates ∼ 1 billion stars (depending on the initial mass function, in strong star formation bursts mass distribution can be shifted towards higher masses). Multiplied by values of p(t) near the maximum, it gives the rate of direct impacts with main sequence stars similar to that in Table 2 by order of magnitude. On the other hand, there are some obstacles for observing them. In subsection 3.2 and subsection 4.4 we show that most of quickly coalescing planets have low masses and massive hosts. For this reason, brightness increase during the event relative to quiescent luminosity of the star can be not sufficiently large for detection. Consequently, galaxies with prolonged active star formation are more preferable for searching for mergers.
As for mergers of even very massive planets with red giants or asymptotic giant branch stars, they are more elusive sources (Staff et al. 2016) . For this reason we pay less attention to them. Also, our calculations of their rates are less reliable (see subsection 4.6).
Simple estimate of the merger rate
Numerical results can be compared with an illustrative analytical estimate for the rate of mergers of hot jupiters with their host stars during the main sequence stage.
In the Galaxy there are about 10 11.5 main sequence stars. About 10% of them belong to FGK spectral classes. About 1% of FGK stars host hot jupiters with periods <10 days (Wright et al. 2012) . Thus, there are ∼ 10 8.5 FGK stars with hot jupiters. Planets with orbital periods 3-6 days can spiral-in due to tides within the lifetime of the Galaxy. If we take theÖpik law for planetary orbits -f (a) ∝ a −1 , -then we roughly obtain ∼ 2 × 10 8 mergers in 10 10 years. I.e., the rate ∼ 0.02 yr −1 . This estimate is not far from our results presented in this paper. Formally, if in the framework of this simple model we include also red dwarfs, then we obtain the rate an order of magnitude higher, roughly coincident with an estimate by Metzger et al. (2012) . However, our numerical results indicate that mergers with red dwarf are relatively rare.
A similar estimate can be made for planet consumption by red giants. For the Salpeter mass function stars that can leave the main sequence within the Galactic life time (M > 0.8M ) represent about 4-5%, i.e. ∼ 0.1 1.35 , of the whole population of stars with M > 0.08M . This means that ∼ 10 10 of red giants can be formed within 10 10 yrs. Each absorbs few planets. Thus, we obtain the rate few events per year -in correspondence with the numerical results presented above.
Comparison with Previous Studies
Our results can be compared with estimates made by Metzger et al. (2012) . These authors obtained the value ∼ 0.1-1 coalescence between a main sequence host and a hot jupiter per year per Galaxy, assuming Q = 10 6 . If in our numerical calculations we select only mergers of main sequence stars with hot jupiters (using the criterion from Wright et al. 2012) , we obtain for the same Q the rate 3 × 10 −3 yr −1 (for direct impacts, tidal disruptions and stable accretion events altogether). This is about two orders of magnitude lower than the results by Metzger et al. (2012) .
There are several reasons for this inconsistency. Firstly, our approach to initial conditions and statistics was absolutely different. Instead of using a sample of observed planets biased by selection effects, we used results of population synthesis modeling. Then, we use our population model to calculate the rates of mergers basing on specified stellar initial mass function and star formation rate, i.e., producing a more detailed and accurate normalization than a simpler procedure suggested in Metzger et al. (2012) . Secondly, we used somewhat different formula for tidal evolution of the orbit (compare eq. (1) in Metzger et al. (2012) and our eq. (3)). The difference is that we took into account stellar rotation. Altogether, the model presented above is more detailed than the approach used by Metzger et al. (2012) . These authors discuss several simplifications made in their calculations. Here we tried to make a step forward to present a more detailed scenario. Still, in our approach several important simplifications are made (in the first place -a value of Q independent on system parameters). Thus, more detailed calculations are welcomed.
Dependence on the Initial Distribution
Here we consider the dependence of our results on the initial distribution of planets in mass and initial semi-major axis.
Among other things, it gives explanation for unexpected features seen in Fig. 9 .
To illustrate this dependence graphically, we plot planets that finally undergo coalescence with main sequence hosts during the lifetime of the Galaxy for Q = 10 5.5 in the a 0 − M p plane (Fig. 11) . The total number of planets shown in the plot is chosen by reasons of visual clarity. Different symbols correspond to different stellar mass ranges.
For a host star with given mass and Q one can define a region in a 0 − M p space, from which planets are consumed by the star during its main sequence stage (a "fall region"). If we neglect the change of R at the main sequence phase and assume that the star does not rotate, then from the eq. (4) we can express the planetary mass:
where t fall is the time it takes the planet to fall onto the star due to tides. If one substitutes the time since the protoplanetary disk dispersal to the end of stellar main sequence phase in place of t fall , this equation defines the line in the a 0 − M p plane, above which all planets that fall onto the star during its main sequence phase are situated 8 . In Fig. 11 a set of such lines is plotted. The values of stellar mass for them are 1, 1.5, 2, 6, and 12 M . Values of stellar radius in eq. (25) correspond to an intermediate value during the main sequence stage for each mass: log R = 0.5(log R (t 0 )+log R (t f )), where t 0 and t f are the first and the final points of the track for the main sequence stage. It is clearly seen that the line shift with changing stellar mass is not monotonous. For M 1.5M , only small part of planets (almost only hot jupiters) lies above the line (in the "fall region"). Then, if we increase the mass up to ∼ 2 M such a line quickly moves down, i.e. more and more planets appear in the "fall region". If M ≈ 2M , then the "fall region" includes the largest number of planets, which causes the first peak in Fig. 9 . With further increasing of the stellar mass, the line shifts back (i.e., goes up in the plot). It corresponds to low probability of a coalescence at 4M M 7M seen in Fig. 9 . The second peak in Fig. 9 is due to two reasons. Firstly, for M 7M the boundary of the "fall region" shifts downward again. Secondly, highmass stars expand significantly during their main sequence phase (according to the evolutionary tracks we use), and large number of planets lying outside of the "fall region" are engulfed by the star not by tides, but in the process of expansion. To illustrate it, for stellar masses of 7M and 14M in Fig. 11 we plot the stellar radius at the end of the main sequence stage by vertical dashed lines. One can see that the fallen planets outside of the "fall region" lie inside the maximum radius of their host stars. (Several dots apparently violate this rule. However, this is because "fall region" boundaries on the plot are only approximate due to simplified averaging of stellar radius in time.) This is the evidence that the numerous mergers of Earth and Neptune mass planets with massive stars (∼ 10M ), occurring in our simulation during the first few tens million years after system formation, have non-tidal nature and caused by the expansion of the star at the main sequence stage.
The considered examples show that details of the initial distribution dramatically affect the rate at which a star of a given mass swallows planets. That means, a 0 − M p distribution of planets is a very important ingredient of the model and setting an incorrect distribution leads to serious uncertainties which can crucially influence final conclusions.
In our opinion, the main source of uncertainties of this kind in our calculations is due to the fact that the distribution we use has the same form for all stars, while only the number of planets per system is varying with stellar mass (see e.g. Mulders 2018) . The form of the assumed distribution follows the results of Alibert et al. (2013) for planets around Solar-mass stars. Meanwhile, both observations (e. g. Gillon et al. 2017 ) and simulations (e. g. Alibert & Benz 2017) show that low-mass stars have more compact planetary systems than FGK-stars (for example, due to smaller masses of protostellar nebula and due to smaller distance to the snow line). Probably, it makes possible a significant number of planet-star coalescences also in M-dwarf systems. Some studies (e. g. Alibert et al. 2011 ) also predict that massive stars have less close-in planets than Solar-mass ones, so fraction of mergers with massive stars in the total rate may be not as significant as in our model. Furthermore, our eq. (16) for the number of planets per system is based on just qualitative consideration. Therefore, accurate treatment of distribution changing with stellar mass is needed.
In addition, in the calculations presented above we based all our assumptions about the a 0 − M p distribution on a particular model of formation and early evolution. Intensive planet-planet interaction during early period of life of a planetary system can significantly modify the shape of a − M p plot respect to the one used in our modeling, as well as the eccentricity distribution (see, e.g. Jurić & Tremaine 2008; Naoz et al. 2011; Wu & Lithwick 2011; Anderson et al. 2016) . It might be very difficult to obtain the detailed distribution purely from observations in the near future, thus most probably future, more detailed, population synthesis calculations of young planetary systems can provide necessary data.
Tidal Model Uncertainties
To calculate tidal evolution of planetary systems, we use eq. (4) with the same (in a given set of calculations) constant Q for all main sequence star systems. This approach is widespread (Dobbs-Dixon et al. 2004; Jackson et al. 2008; Metzger et al. 2012; Penev et al. 2012 Penev et al. , 2014 Ginzburg & Sari 2017) . However, the values of Q adopted by these authors are different by orders of magnitude. As can be seen from the presented results, variation of this parameter significantly modifies the coalescence rate.
The model with fixed Q is oversimplified as Q might be different for stars with different masses, and for a given star at different ages, and also vary with planet's period and mass (see, e.g., Dobbs-Dixon et al. 2004) . In fact, usage of Q for tides on stars is just a parametrization of complex tidal processes by the single parameter. There are several different approaches developed for modeling tidal dissipation in stars. Below we briefly outline them.
In the tidal theory response of a host star on perturbations from its planet can be divided into two components: equilibrium and dynamical tides. The first refers to the tidal bulge formation, while the second -to the oscillations of the star forced by the tidal potential. Zahn (1977 Zahn ( , 1989 derived an equation for orbital evolution driven by equilibrium tide dissipation in stellar convective envelope due to turbulent viscosity. Zahn did not use Q-parametrization, and his equation has a different form in comparison with eqs. (3), (4). A more useful equation based on his theory is given by Privitera et al. (2016a) . Penev & Sasselov (2011) performed numerical simulations of equilibrium tide dissipation in convective envelopes and obtained Q 10 8 . It corresponds to orders of magnitude lower dissipation than derived by Jackson et al. (2008) from eccentricity distribution of exoplanets.
There are also many studies on dynamical tides (see, e.g. Chernov et al. 2017 and references therein). The main channels of their dissipation are inertial waves damping in the convective envelopes and internal gravity waves (g-modes) damping in radiative regions. Rao et al. (2018) found that the dissipation of inertial waves in convective envelopes of Solar-mass stars does not have significant effect on planetary orbits during the main sequence and post-main sequence stages. In the above-mentioned paper by Zahn (1977) damping of g-modes in stars with convective core and radiative envelope has been considered. However, only a small part of planets orbits such stars. More recent studies concern g-modes damping in radiative cores of Solar-type stars. The primary waves in such stars are excited near the coreenvelope boundary. As they propagate inwards, their amplitude increases due to geometrical focusing, and non-linear effects become significant. If the mass of close-in planet is more than about 3 Jupiter mass, waves overturn and break in the center of the star (the strongly non-linear regime; see Barker & Ogilvie 2010; Barker 2011; Barker & Ogilvie 2011) . If the planet's mass lies in range from 0.5 to 3 Jupiter mass, then tide evolves in the weakly non-linear regime. Primary waves do not break, but excite lots of secondary waves of shorter wavelengths. These secondary waves can dissipate effectively (Essick & Weinberg 2016) . The calculations in the works mentioned above show that dynamical tides provide several orders of magnitude higher dissipation rate for Solar-mass stars than equilibrium tides (Q down to ∼ 10 5 ). As well, they show strong dependencies between Q and planetary mass and period. However, the limitations of their applicability are very strict. For example, Essick & Weinberg (2016) present the fit of their numerical calculations Q ∝ M 0.5 p P 2.4 (where M p is the planet mass and P is the orbital period) for P 4 days for solar-mass star, which corresponds to a 0.05 au. For wider orbits they show that non-linear effects are weaker and the dependence is less strong. Since the inner boundary of initial semi-major axis distribution in our simulation is 0.04 au, the regime studied by Essick & Weinberg (2016) for most planets plays a role only during the final stages of inspiral, which are very short (see Figs. 4-6 ).
Summarizing the discussion above, we note that in our study we explore a reasonable range of Q values, but we neglect its dependence on system parameters, which leads to uncertainties and potentially can modify our results.
Mergers with post-main sequence stars
There are some issues in our calculation of the rate of coalescence of planets with post-main sequence stars that should be commented on. Firstly, we use only one value -Q = 10 5.5 , -for all post-main sequence stars. Due to large differences between normal and post-main sequence stars in terms of internal structure, in reality Q at later stages of stellar evolution might differ significantly from the value for main sequence stars, and also can be different for different giant stars (depending on their masses, exact stage of evolution, etc.). At the same time, as was already mentioned, Weinberg et al. (2017) obtained the value Q = 2×10 5 for the subgiant WASP-12, which is close to the value Q = 10 5.5 used in our model. Secondly, we set the outer boundary of planetary initial semi-major axis distribution to 2 au, because most of sufficiently massive planets in the original distribution of Alibert et al. (2013) lie within this radius. However, there are planets beyond this radius, too. Their orbits do not undergo considerable tidal evolution, but they can be swallowed by expanding post-main sequence stars. According to evolutionary tracks, the most massive stars in our simulation (14M ) have at the end of their evolution radii close to 5 au. Consequently, we underestimate the rate of coalescence of planets with post-main sequence stars (for the given Q ). Still, the fraction of stars that expand up to such large radii (i.e., those that are massive enough) is very low, thus underestimation seems to be low, too.
Also it should be mentioned that in the mass range of stars from 0.75 to 1.95 M our code does not follow stellar evolution till its end. For stars within this range we do not treat the horizontal branch stage. According to the evolutionary tracks by Bressan et al. (2012) , after the horizontal branch stage a star expands more than at the red giant stage only for masses approximately from 1.5 to 2 M . For this reason we do not expect that inclusion of the horizontal branch evolution of all stars in our treatment would have significant effect on the rate of coalescences.
Finally, the luminosities of mergers of planets with post-MS stars presented in our work are rather upper estimates than exact calculations. As was described in subsection 2.2, for such events we take the minimum of the values given by eqs. (10) and (12). The former was derived by Metzger et al. (2012) for the case of a main sequence star under the assumption that the optical emission from the merger is formed by hydrogen recombination in the outflows caused by the interaction of planet with the outer layers of the star. The latter simply equals the luminosity to the orbital energy decay rate. The applicability of both approaches for merger of a planet with a red giant is a disputable question. That is why the significant rate of bright transients from mergers of planets with post-main sequence stars (about 10 −2 yr −1 ) is just an upper estimate.
Other Sources of Uncertainties
Obviously, there can be many other sources of uncertainties in our population synthesis scenario. Below we briefly comment on few of them.
In our calculations we assumed zero eccentricity. This is, of course, a significant simplification. Tidal evolution can be much faster for non-zero eccentricities, especially for terrestrial planets, see e.g. . Non-zero eccentricities can be easily obtained by planets on early stages of evolution. However, as here we are mostly interested in calculations of the coalescence rate of massive planets, our assumption is at least partly justified: for jupiter-like objects the effect of non-zero eccentricities is smaller, and being massive they typically attain lower eccentricities than, for example, earth-like planets.
In this study we used evolutionary tracks just for one value of the metallicity: Z = 0.02. No doubts, due to several reasons the rate of planet-star coalescence might depend on it (see Mulders 2018 and references therein). In the first place, the following planetary properties might depend on the metallicity: number of planets in a system, their mass (and, probably, initial semi-major axis) distribution. Then, stellar properties depend on Z so that we can expect different values of Q , different rotation rates, and, more important, different stellar evolution. Even for a given galaxy stars have different metallicities (especially those, formed at early years of the galaxy). However, we demonstrated that for estimates of the rate of planet-star mergers mostly relatively recent (few Gyrs) star formation is important. Still, galaxies can have different metallicities on the whole (a simple example -Magellanic clouds in comparison with the Milky Way). On the other hand, most massive galaxies with significant star formation within last few Gyrs at distances below 10 Mpc have approximately solar metallicity. Anyway, some differences can be expected. And of course, our results might be significantly modified to apply them to elliptical galaxies.
Even if distributions of several parameters are wellknown, there can be an important source of uncertainties related to correlations between different distributions. In our model we assumed that many parameters are not correlated with each other. For example, we assumed that the crucial ingredient of the considered scenario -initial a − M p distribution, -is the same for all masses of host stars. Most probably, this is not the case in reality (see subsection 4.4). Unfortunately, at the moment we are not aware of detailed modeling of this effect which can allow to produce a realistic set of initial conditions depending on the mass of a host star. Another possible correlation can appear due to formation of planets around stars in dense groups in the case of high SFR. Thus, distribution of planetary orbits and lifetime of protoplanetary discs (as well as several other parameters) can be correlated with the SFR.
Note, that the SFR by itself is an important parameter and it influences the final results. In this paper we used the rate defined in eq. (19). Even for the Milky Way this quantity is not well known. However, in the case of our Galaxy it introduces uncertainty less than a factor of two.
Another source of uncertainty is rough calculation of a sync (see subsection 2.1) for stars with mass larger than 1.25M . In this case, we assume invariability of a sync in time and its single-valued dependence on stellar mass, as well as uniform rotation and homogeneous structure of stars. However, the resulting a sync for stars slightly more massive than 1.25M corresponds to a sync for the stars slightly low massive than this threshold at the end of the MS phase. Since for low-mass stars rotational evolution was calculated more accurately, this correspondence indicates that the estimate for more massive stars is reasonable.
We made our calculations not only for the model of planet orbital evolution described in subsection 2.1, but also with the model neglecting stellar rotation (i. e., without the factor [1 − (P orb /P rot )] in eq. (3) and without any rotational evolution). In this simplified model, merger rates are up to 2 times higher than in the model presented above. The influence of the introduction of stellar rotation into the model is different for different types of mergers and for different Q . It is insignificant for the statistics of planet engulfments by post-MS stars. As for mergers with host stars at the MS, the effect is maximal for direct impacts in case of small Q and for tidal disruptions. We also found that, unlike the change of the equation of tidal orbital evolution, accounting for rotational evolution of low-mass and solar-mass stars practically does not change the merger statistics, because practically all mergers occur with stars more massive than 1.5M .
Lastly, with regard to other sources of uncertainties, we do not take into account influence of binary companions, use approximate equation for luminosities (especially in case of tidal disruptions and for mergers with post-MS stars). Of course, this might influence the final results, but we hope that our estimates can still be valid by an order of magnitude.
CONCLUSIONS
We presented a population synthesis model to calculate the rate of star-planet mergers. For initial conditions we used results of population synthesis studies by Alibert et al. (2013) . We calculate the tidal evolution of planetary orbits following the equation from for a set of tidal quality factors Q . In our calculations of the coalescence output we follow Metzger et al. (2012) . We obtain that the coalescence rate is dominated by consumption of planets by red giants with the rate ∼ 3 yr −1 per Milky Way-like galaxy. However, such events very rarely produce observable transients.
Mergers with main sequence stars are dominated by low-mass planets merging with stars M 1.5M . Their rate is ∼ 0.006 − 0.009 yr −1 per galaxy (depending on Q ). These type of coalescence produce transients with L ∼ 10 35 − 10 37 erg s −1 -not bright enough to be easily detectable from Mpc distances.
Brighter events are due to mergers of massive planets with main sequence stars. In the simulation with most efficient tidal dissipation in our set, they happen with the rate ∼ 0.003 yr −1 . Having luminosities ∼ 10 37.5 -10 38 erg s −1 , they can be observed from nearby galaxies up to 10 Mpc distance with the next generation of optical surveys. These rates are significantly lower than those presented by Metzger et al. (2012) . We attribute it to different initial distributions and different approach to calculate the final normalization for the Galactic rate.
Our model contains significant simplifications related to parameters of the tidal evolution. Detailed calculations based on more reliable initial distributions (obtained from observations or more sophisticated modeling) and more accurate treatment of tidal dissipation are welcomed considering future observations with LSST.
